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| nter pretace parametr (0 atmosferickych sprsek
kosmického zareni pomoci soucasnych model Ul
jadro-jader nych interakci

Michal Nyklicek

Abstrakt

Stanoveni chemického s oZeni kosmického zareni z dat fluorescencnich detektorli se
Zznatné opirao nas znalost jadro-jadernychinterakci odehravajicich se ve vznikajicich
sprakach. Oproti tomu stanoveni energie spraky z jejiho fluorescencniho profilu v at-
mosféfe je model ové méné zavislé. Modely se nicméné pouZivaji pro odhad chybgici
energie nesené neutriny a miony, o kterou se kalorimetrické mé&eni fluorescencnich
detektorti opravuje. Cilem praceje porovnat mezi sebou modely jadro-jadernychinter-
akdli, které se v soucasné dobé pouzivaji pro popis spraky kosmického zareni a stanovit
jgjichvliv nainterpretaci dat v pfipadé ur¢ovani chemického sl ozeni kosmického zareni
a energie rekonstruované fluorescentnimi detektory.

Klicova slova: kosmické z&feni, jaderné interakce, chemické slozeni kosmického
z&reni, chybgici energie



| nter pretation of the parameter s of cosmic air
showersusing current models of the
nucleus-nucleusinteractions.

Michal Nyklicek

Abstract

The determination of the chemical composition of cosmic rays from data measured
by fluorescence detectors is strongly dependent on our knowledge on nucleus-nucleus
interactions which occur in showers. On the other hand, the reconstruction of shower
energy from its fluorescence profile in atmosphere is less model dependent. Never-
theless, models are used for estimation of missing energy carried out by neutrinos
and by muons. Missing energy is then used for corrections of the calorimetric energy
measured by fluorescence detectors. The goal of this work isto compare these models
of nucleus-nucleusinteractions, which are presently used for description of cosmic ray
showers and estimate their influence to data interpretation in the case of the chemical
composition of cosmic rays and energy, reconstructed in fluorescence detectors.

Keywords: cosmic rays, hadronic interactions, chemical composition of cosmic
rays, missing energy
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Chapter 1

| ntroduction

The Cosmic Rays (CRs) are energetic particles, originated from the Universe and they
are hitting Earth’satmosphere at every moment. Most of these particles are protonsand
smaller fractions are alpha particles, heavier nuclei, electrons, positrons and photons.

Theenergy range of CRsisvery wide, it extends 12 ordersof magnitude. Thehighest
energies of CR reach hundreds of EeV (about 20 joules - a macroscopic energy). For
comparison, current accel erators can accelerate particles” only” to energiestensof TeV,
7 orders of magnitude lower. The study of CRs presents a unique possibility to study
high energy processes in the sources as well as high energy interactions of CRs with
atmospheric nuclei. The CRs with the highest energies represent ”a new window of
astronomy”: they can give us information about their sources, features of interstellar
space and magneticsfields.

Figure 1.1: The propagation of CR from its source to the ground on the Earth.



At the present, there are four basic questions on CR:

e How are the particles accelerated to such high energies?
e Where do they come from? In which objects are they accelerated?
e How do they propagate through the interstellar space?

e Where the spectrum stops?

We can distinguish two kinds of CR - primary cosmic rays and secondary cosmic
rays. If some particle is accelerated at its source and then the particle propagates
through the Universe - this is called primary cosmic ray. If this particle hits the
Earth’s atmosphere and creates a cascade of secondaries particles - the products are
called secondary cosmic rays.

The main goals of this work are to simulate cosmic ray showers with SENECA
and CONEX, to determine the influence of the high-energy interaction models on the
estimation of the chemical composition, to determine the missing energy and also to
show theinfluence of high-energy interaction models on the missing energy estimation.

Chapter content

In the second chapter of this work the development of the field of CR is explained on
examples of important discoveries.

The third chapter deals with primary CR. The main features of primary CR are
described - chemical composition of CR, the energy spectrum, origin of CR, how the
CR particlescan reach their energiesand how they are propagated through the Universe.

The fourth chapter describes secondary CR, physics of atmospheric, showers be-
havior of different shower components.

The measurement techniques of ultra-high energy cosmic rays are mentioned in the
fifth chapter. The different measurement techniques are described on the example of
Pierre Auger Observatory.

The present programs, which are used for simulations of the showers of CRs are
mentioned in the sixth chapter. Also the the interactions models are referred to.

Some models, how can be the chemica composition of the primary CR particle
determined from the combination of simulated data and data from measurement are
described in the seventh chapter.

Theresults of simulation in SENECA simulation code are shown. The simulations
of the maximum of the shower are compared for different interaction models. Also the
influence of the interaction models to the chemical composition of CRsis discussed in
the eighth chapter.

The missing energy which was calculated from the data obtained from the ssimula-
tionswith CONEX is described in the ninth chapter.

The tenth chapter summarize briefly the studied problematics.
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Chapter 2

History

At the beginning of the 19" century, French physicist Henri Becquerel discovered
that certain elements are unstable, and they transmute into other elements and in some
processes emit what appeared to be particles. These ”particles’ were given the name
"radiation”, and the process itself was referred to as " radioactive decay”.

It was noticed that an instrument called " electroscope” (see fig.2.1) would sponta-
neously discharge in the presence of radioactive materials. The rate of discharge of an
electroscope was then used as a measure of the level of radiation. The electroscope
thus became a standard instrument for studying radiation and radioactive materialsin
the first decades of the 20" century.

However, physicists noticed that el ectroscopeswere foundto discharge slowly even
in the absence of radioactive matter. Thisresidual discharge could not be attributed to
leakage. It seemed to be due to a background radiation.

The first attempt to study background radiation was made in the experiment by
Theodor Wulf. The chamber was placed on the top of the Eifel tower. The results
surprisingly showed, that the ionization decrease compared to Earth surface was not as
large as expected.

To study the source of this background, Austrian physicist Victor. F. Hess (seefig.
2.2) made measurements of radiation levels at different altitudes with electroscopes
aboard a balloon(™). The motivation for this study was to distance the electroscopes
from radiation sources in the Earth. Surprisingly, he found that the radiation levels
increased with altitude(?). Hess interpreted this result as a consequence of radiation
entering the atmospherefrom outer space. He gavethis phenomenonthenname” Cosmic
Radiation”, which later evolved to " Cosmic Rays’. Hesswas awarded the Nobel Prize
in 1936 for his discovery.

After the discovery of CRs, there were many questions. What is CR? Which
qualities does it have?

In the year 1925, Andrews Millikan made a suggestion, that CRs are a result of
forming nuclel from protons and electrons. In the twenties, there was a suggestion,

1The actual discovery flight was made from Usti nad Labem in northern Bohemia.
2The discharging of the electroscope was 9 times faster.
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Figure 2.1: Electroscope. Figure 2.2: Viktor Hess.

that forming of nuclel happens in the whole Universe and that the released bounding
energy in the form of photons are CRs. Due to this hypothesis, CRs were considered
as neutral and therefore the Earth’s magnetic field would not have any influence on it.

In the year 1929 the first trace of CR was registered. It was done by Dimitry;j
Skobelzyn, who used a cloud chamber. In the same year Walter Bothe and Wer ner
Kolhorster verified that the Skobelzyn's cloud chamber tracks are curved, showing
that cosmic rays are charged particles.

In the year 1932, A. Millikan discovered, that intensity of CRs depends on the
geographical latitude. This was a proof of the fact, that primary CRs are composed
mostly of charged particles.

In the studies of CRs many new particles were discovered. In the year 1932,
C. D. Anderson discovered positron, using cloud chamber. In the year 1937, the
particle called muon was discovered by C. D. Anderson and S. Nedder meyer. These
discoveries contributed to the beginning of the particle physics.

Pierre Auger (seefig. 2.3) made very important discovery in the year 1938. He
found, that the particles are coming in the time coincidence at the distances of about
20 cm. Later, he made a measurement in the Alps mountain and he confirmed thistime
coincidence for adistance of 200 m. Thisresultslead P. Auger to the conclusion, that
CRs hit Earth surface in showers of secondary cosmic rays. Using the knowledge
of the spread of the shower, signal intensity and basics of quantum electrodynamics P.
Auger suggested, that he saw a shower initiated by a primary particle with energy of
about 10% eV.

Based onthe Auger discovery, therewastendency to built dedicated detector, which
would be able to detect such showers. In the year 1946 two groups (in USA - lead
by Bruno Rossi, in Russia - lead by Georgi Zatsepin) started the experiments for
detection of CRs. Thefirst detector of CRs was built.

Enrico Fermi proposed the first theory of acceleration of CR particles in the year
1949. He supposed, that protons are accelerated in the Universe by the slowly moving
magnetic fields. And he aso assumed, that the explosions of the supernovae can be
potential acceleratorsin the Universe.

12



Figure 2.3: Pierre Auger.

At the beginning of the 1960s, the relict microwave radiation was discovered (3).
And in the year 1966 K. Greisen and independently V. Kuzmin with G. Zatsepin
predicted, that CR particles interact with photons of relict radiation and due to thisin-
teractionsthey loose energy. They also calculated the threshold energy of CR particles,
which depends at itsinitial energy. This threshold energy is called GZK cutoff.

The first extremely high-energy particle was registered in 1962 by experiment
Volcano Ranch Array in New Mexico. This particle had energy of about 1020 eV.
The most energetic particle detected so far was measured by the experiment Fly’s Eye
(USA). It detected a particle with primary energy 3.2x10% eV (15.10.1991).

Intheyear 2001 the construction of 3000 kmZ2array - so far thelargest CR experiment
- started. Its name - " Pierre Auger Observatory” - reminds the roots of this scientific
field.

3By A.Penzias and R. Wilson.
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Chapter 3

Primary Cosmic Rays

Primary cosmic raysare particles, which were somewhere created and accel erated, they
propagate through the Universe until they interact with the Earth’s atmosphere. The
basic description of primary CRs will be now given(%).

3.1 Composition

All known stable particles are abundant in CRs. There are particleslike protons, alpha
particles, heavier nuclei, positrons, electrons and photons. Particle composition of CR
depends on the energy.

The particle composition of primary CRs in the energy region () of about 10 GeV
is approximately 90% protons, 7% alpha particles, 1% atomic nuclei, 1% electronsand
positrons and small fraction of gammas. In the energy region of about TeV to PeV,
there is different composition. About 50% protons, 25% alpha particles, 13% CNO
nuclel (carbon, nitrogen, oxygen) and 13% are nuclei with atomic number closer to Fe
[1].

The Earth surfaceis hit by particleswhich were created within our Solar system and
by particles which were created outside our Solar system (cosmic rays). The relative
abundances of cosmic rays are compared with abundances of elements in the solar
system (see fig. 3.1). The symbolsin fig. 3.1 have the following meaning: Solid
circles: low energy data, 70 - 280 MeV/A; open circles: high energy data, 1000 - 2000
MeV/A. Solar system abundances are shown by open diamonds. Both solar system and
cosmic ray abundances show the odd even effect, even Z nuclei being more abundant.
Thereis, however, striking difference between thetwo compositions[2]. Thedifference
is between the abundances of the two groups of elements: Li, Be, B and Sc, Ti, V, Cr,
Mn. This differenceis well understood and is an important tool for understanding the
propagation and confinement of CRs in the Galaxy. These two groups of elements are
absent as end products of stellar nucleosynthesis. But they are products of spallation
of the abundant nuclei of carbon and oxygen (Li, Be, B) and of iron (Sc, Ti, V, Cr,

1The dominant sources of literature are: [2], [4], [1] and [5].
2|n this region is composition of primary CR measured directly.
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Mn). This suggests that they are produced by collisions of CRs in the interstellar
medium (ISM). From the knowledge of the cross section of spallation, one can learn
something about the amount of the matter traversed by CRs between production and
observation. (Secondary particles, such as photons, neutrinos and antiprotons should
be also produced in CR interactions with ISM.) For CRs in the GeV energy range the
mean amount of matter traversed is of order X =5 ~ 10 g/cm?. The density py in the
disk of the Galaxy is of the order of one proton per cm?3, so this thickness of material
corresponds to the distance of:

= 3x10%* cm ~ 1000 kpc.
MpPN

Because CRs may spend sometime in the more diffuse galactic halo, thisisalower
limit to the distance travelled. [2]
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opencircles: highenergy data, 1000 - 2000 MeV/A. Solar system abundancesare shown
by open diamonds. Solid line represents CRs elements and dashed line represent solar
system elements.
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3.2 Energy spectra

The energy of CR starts approximately at about GeV and continues up to hundreds
of EeV. The flux at lower limit is influenced by solar activities. The charged moving
particles from the Sun, so-called solar wind, form a magnetic field, which hinders the
low energetic CR particlesto reach our solar system. Theintensity of solar wind varies
with solar cycle and the CR flux as measured at the Earth isinversely correlated to solar
activity.

The energy spectrum of CRs is the dependence of the flux of CRs particles on the
energy.
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Figure 3.2: All particle energy spectra.

Differential energy spectrum (see fig. 3.2) can be approximated by inverse power
law equation:

dN

E"~ E~% (3.1
where E is the energy of CR particle, N is a number of particles and o is a spectral
index of the exponential decrease of the number of the particles with the energy.

As can be seen in thefig. (3.2) and more clearly in (3.3), the slope of differential
energy spectrum is not constant. In the energy range 101° eV to 10% eV the value of
o is equal approximately to 2.7. Above this range of energy, the slope of differential
energy spectrum is more steeper. This changing point in slope of the spectrumis called
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Figure 3.3: The energy spectrum of CR multiply 2.7. This spectrumis result of many
different experiments. This picture was taken from [3].

the "knee”. The steepest slope of spectrum is in the energy range between 101 eV to
108 eV. Inthis part of spectrum, the o, valueis approximately 3.0. The next change of

the spectrum slope is in the energy region around 4 x 1018 eV. This point is called the
"ankle”. Inthe energy region between 1019 eV to 5 x 10%° eV the o. valueis again 2.7.
Beyond the energy value 5 x 1019 eV the steepest slope of spectrum is expected due
to the GZK effect. Some experiments confirm this expectation (HIRES(®)) and some
experiments rejected this expectation (AGASA (4)). It is supposed, that recently built
Pierre Auger Observatory(®) will give final answer about this energy region.

If welook at single element spectra and compare them, we can notice an interesting
feature - secondary nuclei (i.e. those produced as spallation products of abundant
species) have significantly steeper spectra than the primary nuclel. The secondary to
primary ratios decrease as energy increases. Thistells usthat the higher energy cosmic
ray diffuse out of the galaxy faster [2].

In the fig. (3.4) one can see the difference in the energy spectra between some
elementsin CR. For energiesto the | eft of the vertical line the flux varies significantly
during the solar cycle (an effect called " solar modulation” [2].)

3High Resolution Fly’s Eye, Utah, USA. This experiment uses fluorescence detectors.
4Akeno Giant Air Shower Array, Tokio, Japan. This experiment used scintilation counters and muon

counters.
51t will be described in chapter 5.
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3.3 Propagation

As it was aready mentioned above, in CRs there is much greater proportion of ”sec-
ondary” nuclei, such as Li, Be, B, than it is generally found in the universe. These
nuclel are almost absent as end products of stellar nucleosynthesis. They are spallation
products of the abundant primary nuclei such as carbon and oxygen. M easurements of
the secondary to primary ratios lead to the following conclusions[2]:

1. On average, CR in the GeV range traverse 5 - 10 g/cm? equivalent of hydrogen
between injection and observation.

2. This effective grammage decreases as the energy increases.

Since the amount of matter along the line of sight through the disk of the Galaxy is
about 10~2 g/cm?, thisimplies that cosmic rays travel during their lifetimes distances
thousands of times greater than the thickness of the disk. This suggests diffusion in
a containment volume that includes some or al of the disk of the Galaxy. The fact
that the amount of matter traversed decreases as energy increases suggests that higher
energy CR spend less time in the Galaxy than the lower energy ones. It also suggests
that CR are accelerated before most of the propagation occurs[2].

CR particle trgjectories are bent and scattered by the regular and chaotic magnetic
fields and this produces a diffusive motion of CR in the galaxy [1]. A measure of
deflection suffered by aparticleis theratio of its Larmor radiusr ¢ and the typical scale
of avolumewith given magnetic field B. For arelativistic particle the Larmor radiusis

[4]:
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pcsin®
rglm = Ze Be (3.2

or
E[10%eV] .

for the motion of the particle with the charge Q = Ze (Z is atomic number) and constant
energy E movinginaspira path with constant pitch angle 6 (the angle between vectors
of the relativistic three-momentum P and of the magnetic field B vectors).

For arelativistic proton the Larmor radiusis [4]:

(3.3)

rglm = 3x 10% < il OiT > (3.4)

where the magnetic field strength B is measured in Tesla and v is the Lorentz factor.
Therefore, adopting the local value of the magnetic field strength in the interplanetary
medium B ~ 102 T, relativistic protons with y = 103 (i.e. energies 10* eV) have
Larmor radii which are 3 x 102 m = 20 AU, i.e. 20 times the distance from the Sun to
the Earth [4].

3.4 Anisotropy

At energies smaller than 1 EeV, we expect near isotropy for galactic sources because
of the diffusion of particlesin the chaotic and regular galactic field. The cosmic ray
anisotropy is conventionally defined as[1]:

Imax — lmin
0 Imax + Imin (33)
where Imax and Iy are the maximum and minimum intensities of CR across the sky
as afunction of some coordinate. Parameter & can be understood as a deviation from
isotropy.

Some results have been presented on the anisotropy of the CR flux above ~ 1017
eV from Fly’'s Eye and AGASA experiments. Both experiments report a small but
statistically significant anisotropy of the order of 4% in terms of eq. (3.5) toward the
Galactic plane at energies around 108 eV. These analyses did not reveal a significant
correlation with the Supergal actic Plane, whereas earlier work seemed to indicate some
enhancement of the flux from this plane [5].

Anisotropy beyond 60 EeV

The Pierre Auger Observatory (PAO) demonstrates that there is a correlation between
the arrival directions of CRs with energy above ~ 6 x 10%° eV and the positions of
active galactic nuclei (AGN) lying within ~ 75 Mpc. They rejected the hypothesis of
an isotropic distribution of these CR at over 99 % confidence level. The correlationis
compatible with the hypothesis that the highest energy particles originate from nearby
extragal actic sources whose flux has not been significantly reduced by interaction with
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the cosmic background radiation. AGN or objects having a similar spatial distribution
are possible sources. [6]

3.5 Origin of cosmic rays

Depending on the way, how the particle may reach its energy, there are two classes of
models of acceleration. These classes are called ” bottom-up” and " top-down model”.

3.5.1 Bottom-up models

This scenario supposes, that final energy of CR particle is reached by stepwise acceler-
ation by various astrophysical mechanisms. These astrophysical mechanisms (objects)
include supernovaremnants, radio gal axies, active gal actic nuclei, neutron stars, gamma
ray bursts, etc. Some of these astrophysical objects will be described in the following
text.

Supernovaremnants

A supernovaremnant (SNR, see fig. 3.5) is the structure resulting from the gigantic
explosion of a supernova. The supernovaremnant is bounded by an expanding shock
wave, andit consists of gjected material expandingfromtheexplosion, andtheinterstel-
lar material it sweeps up and shocks along the way [45]. SNRs are extremely important
for understanding our Galaxy. They heat up the interstellar medium, distribute heavy
elements throughout the Galaxy and accelerate cosmic rays [46].

Figure 3.5: Remnant of Kepler’'s Supernova, SN 1604 [45].
The SNRs can be source of Galactic cosmic rays based on the shock acceleration.

If supernovaremnants are the sources capable of accelerating particlesto ~ 10° eV or
higher, then they should be also point sources of gamma-rays produced by interactions

20



of the accelerated particlesin or near the source. Theintensity dependson the degree of
mixing between the high energy particles and ambient material. Theoretical estimates
of thegamma-ray luminosity of SNRs caused by ther °-decay haveled to the conclusion
that the expected TeV gamma-ray flux form nearby SNRs is high enough and should
be just detectable by present instruments [4]. The experimental proof that SNRs are
actually accelerating particles to 101® eV was established by the HESS experiment -
TeV Cherenkov telescope recently built in Namibia [42].

Active galactic nuclei

Activegalactic nuclei (AGN) are astrophysical objects, which have supermassive black
holeinitscenter. Thisblack holeissupplied by the material from surrounding accretion
disk(®) (seefig. 3.6).

Narrow Line
Region

Broad Line

Accretion
Disk

v

Obscuring
Torus

Figure 3.6: Active galactic nucleus.

From the inner part of accretion disk the most stridently ultraviolet and roentgen
radiation are continuously coming out. The spectra of this object depend on the angle
of the observation. If someonelooks at this object from side, the inner part of accretion
disk will cloud over the big part of radiation of AGN. A part of material is accelerated
aong the axis of symmetry and thismaterial escapeslikejets. It is supposed, that these
jets are from both sides of AGN, but the radiation coming from the back jet is more
reduced. The length of jets can reach a hundred of kpc. By the accretion of the matter
to the central black hole a big amount of energy is produced.

6Accretion disk is composed of a matter, which is attracted into the central black hole.
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As was mentioned above (in chapter 3.4.1), scientists from PAO discovered, that
AGN lying close to Earth are possible sources of ultrahigh energy CR particles[6].

For the observer, the AGNs are different in these parameters: luminosity (7), spectra,
time variability and optical features.

Using their different characteristics the AGNs are usually clasified into different
groups. radio galaxies, quasars, blazars, Seyfert galaxies (type I. and I1.), nuclear
regions of ionized hydrogen (HII), galaxies with production of stars, etc. The most
significant groups are listed and characterized bellow:

e Quasars are stars similar (its angular size is less then one angle second) extra-
galactic objects (usually with big red shift), which can be optically determined
by wide spectral lines (which correspond to high speed of thermal gases).

e Blazarsarevery shining and highly varying extragal actic objects. Thejets point
directly towards the observer. Blazars are highly varying in spectral regions of
radio, optical and X-rays radiation. They don’t show wide optical lines. The
optical radiation from these objectsis strongly and variously polarized.

e Seyfert galaxies are usualy spiral galaxies. Strong activity of nuclei is typical
for them. They have the following qualities: small and very clear nucleus, in
their spectra alot of wide emission spectral lines shine (the gas is fast moving,
the speeds reaches 5000 km/s), they have non-thermal radiation in wide spectral
range and in the nucleus there is very compact source of radio radiation.

Neutron stars

A neutron star is formed from the collapsed remnant of a massive star, a Typell, Type
Ib, or Type Ic supernova and models predict that it consists mostly of neutrons. It is
avery hot environment due to repulsion between neutrons as given by Pauli exclusion
principle. A neutron star is one of the few possible conclusions of stellar evolution.

A typical neutron star has a mass between 1.35 and about 2.1 of solar masses, with
a corresponding radius between 20 and 30 km - 30 000 to 70 000 times smaller than
the Sun. Typical neutron stars have densities of about 104 g/cm3.

Gammaray bursts

Gamma-ray bursts (GRBSs) are short-lived bursts of gamma-ray photons. At least
some of them are associated with a special type of supernovae, respectively supernova
explosions of super massive stars.

Lasting from a few milliseconds to several minutes, gamma-ray bursts shine hun-
dreds of times brighter than a typical supernova and about a million trillion times
brighter than the Sun. This makes them briefly the brightest source of cosmic gamma:
ray photonsin the observable Universe. GRBs are detected roughly once per day from
random directions of the sky.

Cosmological GRBs most likely contribute a negligible fraction to the low energy
CR flux around 100 GeV, as compared to SNRs, the favorite CR source below the

Shiny energy output.
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Figure 3.7: A model of neutron star internal structure[43].

knee. In contrast, a possible common origin of UHECR and cosmological GRBS,
mainly based on the observation that the average rate of energy emission required to
explain the observed UHECR flux si comparable to the average rate of energy emitted
by GRBs in y-rays. The predicted spectrum seems to be consistent with the observed
spectrum above ~ 10° eV for proton injection spectra o< E ~23+05  typical for the
Fermi accel eration mechanism which is supposed to operatein dissipative wind models
of GRBs. However in recent studies the origin of UHECR from GRB seems to be
improbable[7].

3.5.2 Top-down models

The shock acceleration mechanism is a self-limiting process: For any given set of
values of the dimension of the acceleration region (fixed by, say, the radius R of the
shock) and the magnetic field strength B, simple criterion of Larmor containment of a
particle of charge Ze within the acceleration region implies that there is a maximum
energy Emax =~ ZeBR up to which the particle can be accel erated before it escapes from
the acceleration region. [5]. The mechanism thus prevents further acceleration to
energies higher than Epuy.

The basic idea of top-down models(® is, that extremely high energy cosmic ray
(UHECR) particles need not to be produced by any acceleration mechanism at all;
instead, these particles may simply be the result of adecay of certain massive particles
(generically "X particles) with mass my > 10 GeV originating from high energy
processesin the early Universe.

Inthe modern version of the top-down scenario of cosmicray origin, the X particles
typically decay to quarks and leptons. The quarks hadronize, i.e., produce jets of
hadrons containing mainly light mesons (pions) with a small percentage of baryons

8Top-down model is non acceleration and is opposite to conventional bottom-up accel eration mechansim.
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(mainly nucleons). The pions decay to photons, neutrinos (and antineutrinos) and
electrons (and positrons). Thus, energetic photons, neutrinos and charged leptons,
together with a small fraction of nucleons, are produced directly with energies up to
~ My without any acceleration mechanism [5].

3.6 Acceeration mechanism

Aswas aready mentioned above (chapter 3.5), there are two classes of CR origin - the
bottom-up and top-down models. In this section we will describe acceleration models
for bottom-up scenario. These accelerations models can be divided into two groups:
Fermi acceleration and direct acceleration.

In the case of Fermi acceleration model the multiple collisions with the magnetic
fields of moving clouds or shock waves are responsible for the gain of particle final
energy. Thetime, which is necessary for the particle to reach its energy, can be even
thousands of years. The basic principe of this acceleration mechanism was proposed
by Enrico Fermi in the year 1949. This mechanism will be labeled as Fermi 11 (9).

Intheyear 1978, Bell, Blandford and Ostriker, have applied Fermi’s original theory
to fast moving shock waves. In this case, the final energy reaches higher values and
the accel eration time is shorter, thus the machanism is more effective than the Fermi 11.
This mechanism will be labeled as Fermi |(19),

3.6.1 Fermi'soriginal theory (Fermi II)

Fermi supposed, that particles are accelerated by collisions with magnetic clouds in
the Galaxy. The energies of these magnetic clouds are much higher than the particle
energy, which collides with these clouds during acceleration mechanism.

Fermi 11 acceleration mechanism is based on following assumptions:

e Theparticleisrelativistic (E = pc).

We neglect the energetic looses during scattering. (The assumption of elastic
scattering.)

The particleis moving randomly in the magnetic cloud.

e The structure of magnetic cloud is given and it isn't influenced by the collisions
with particles.

For the scheme where the particle scattering on the magnetic cloud see fig. (3.8).
Themoving particle hasinitial energy E1 (onthe beginning of the process) and 61 isthe
angle between velocity vectors of magnetic cloud and particle. E is the final energy
of particle (at the end of the process) and the particle flies out under the angle 6 .. The
magnetic cloud moves slowly with the velocity V. All quantities are labeled in the
laboratory frame. Let us label the quantitiesin the rest framelike (E1, - -).

9The reason is that the energy gain per one scattering is proportional to [¥. P is characteristic velocity of
moving cloud or shock wave.
10pye to the energy gain per one scattering proportional to f+
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Figure 3.8: The scheme of the CR particle scattering on the magnetic cloud. This
picture was taken from [8].
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Using Lorentz transformation from the laboratory frameto rest frame (3.6) one can
obtain equation:
E1 = ¥E1(1— Bcosey), (3.8)
where =V/cay=1//1-B2

Using Lorentz transformation from the rest frameto laboratory frame (3.7) one can
obtain equation:
E> = yE5(1+ Bcoss)). (3.9
Due to the assumption of elastic scattering, the energy in the rest frame will con-
served = E] = E} and following equation can be obtained:
E> = Y?E1(1— P coshy)(1+ Pcosh)). (3.10)
The equation (3.10) can be overwritten to energy gain per one collision (Ez —
E1)/Ea, hence we obtain the following eguation:
Ex—E1 _ AE _
Ei  E1

Y?(1— Bcoshy)(1+ Bcosh)). (3.11)
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Because the particle movement is random in magnetic cloud, all possible values of
the 6/, angle will have the same probability. From this can be shown, that:

< cos8, >=0. (3.12)

The average value of cos61 depends on therate at which CR collide with clouds at
different angles. The rate of collision is proportional to the relative velocity between
the cloud and the particle so that the probability per unit solid angle of having the
collision at angle 01 is proportional to (v—V cos61) and for ultrarelativistic particles
(v~ c) thusleadsto [8]:

< €0s0; >= —g. (3.13)
The mean value of equation (3.11) over all angles leads to:
AE 4,
— ~ —P-. 3.14
e ~ 3P (3.14)

Because of B <« 1, the average energy gain per one collision is very small. The
energy gainisso small dueto two possibilities of the collision. Thefirst oneis catch-up
collision (the particle looses its energy) and the second one is head-on collision (the
particle gain energy). It can be shown, that probability of head-on collision is higher
that the probability of catch-up collision and on average the resulting energy of particle
is higher than initial energy of particle[1].

3.6.2 First order Fermi acceleration (Fermi I)

Due to the long time, which was needed to accelerate the particle to the highest
energies (the particle was confined for along time in magnetic cloud), Fermi’s original
theory was modified in the seventies. This mechanism is important in shock waves
from supernova, but it is generally applicable to any stronger shock waves from other
astrophysical objects[4].

Inthiscase, thehead collision happened between shock waveandrelativistic particle
(seefig. 3.9). Shock waveis created by the explosion of supernova. By this explosion
several solar masses are gected with the speed of about 104 km/s, which is higher than
speed of sound in interstellar space (10 km/s) [4]. The velocity of this shock wave
islabeled as —U7. The particle is moving towards to shock wave by the velocity T3
and |uz| > |uz|. The particle velocity behind shock wavein the laboratory frame of the
shock is V' = — U3 + U3, and it can be interpreted as the velocity of accelerated particle
(" downstream”) with regard to unaccel erated particle (" upstream”).

Like in the Fermi’s original theory, the mean value of cos6 and cos6’, can be
determined. But, in the first order Fermi acceleration, the mean value of cos8, is not
zero. It can be shown, that in this case, the mean values are:

2
< €001 >= —3 (3.15)
, 2
< €0S6, >= 3 (3.16)
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upstream downstream

Figure 3.9: The scheme of first order Fermi acceleration [2].

Using equations (3.15), (3.16) and (3.11) one can obtain:

AE  1+4B/3+4B%/9 _ 4
5= 152 1~ 3[3. (3.17)
The energetic gain depends linearly on B =V/c. Here B refers to the relative
velocity of the plasma flow, not of the CR. The equations (3.17) and (3.14) are valid
only for non-relativistic shock waves but it can be shown that similar results can be
obtained in the case of the relativistic moving shock wave, too.
Inthis case the accel eration mechanism is moreefficient because of the non-random
movement of the particle in the magnetic cloud. In this process, the collision of the
particle with the shock leads always to the energetic gain.

3.6.3 Spectral index

Theresult of Fermi acceleration isthe universal power-law spectrum of the accel erated
particles. It can be written in adifferential form:

dN(E)

~E9 .
aE EH (3.18)
or in anintegral form:
N~E @D (3.19)
Here we define differential spectral index [4]:
R+2
a= R_1’ (3.20)
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where

=5
isthe shock compressionratio, u; and u, being the upstream and downstream vel ocities
of thefluid intherest frame of the shock. For typical situationisR < 4 and henceq > 2
(q = 2 for the strong shocks).

The effectively continuous gain of energy can be characterized as:

R (3.21)

dE _ <AE>
dt tcy(je
whereteyge is the time for one complete cycle (i.e. from crossing the shock from up-

stream to downstream, diffusing back towardsthe shock and crossing from downstream
to upstream, and finally returning to the shock), and < AE > isthe average energy gain

per cycle.

(3.22)

3.6.4 Direct acceleration

Particles can be accelerated directly in objectswith large el ectric potential, like neutron
stars or accretion disks of black holes.

On the surface of young, fast rotating(**) neutron stars, the magnetic field can reach
108 T and induced el ectric potential can reach 1018 V. If therewould be no collisions(*2)
(there will be no energetic looses), the particles can be accel erated to the energy:

E=2Zx10%ev]

where Z isthe particle charge.

3.6.5 Hillascondition

Irrespective of the precise acceleration mechanism, there is a simple dimensiona ar-
gument, given by Hillas, which allows one to restrict attention to only a few classes
of astrophysical objects as possible sources capable of accelerating particlesto agiven
energy. To keep the particle confined within the acceleration region the magnetic field
Bisneeded. Thus, the size R of the accel eration region must be larger than the diameter
of the orbit of the particle ~ 2rg. Including the effect of the characteristic velocity Bc
of the magnetic scattering centers one gets the general condition [5], [9]:

(1) (i) ~2 (o520 5 629

The equation (eg. 3.23) is often presented in the form of the famous "Hillas
diagram” (see fig. 3.10), which shows that to achieve a given maximum energy, one
must have acceleration region that have either a large magnetic field or a large size of

1with rotational frequency about 30 s°1.
2Byt there is problem, that the environment around these objects has high density, so the particle suffer
energetic looses.
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the acceleration region. Thus, for example, only afew astrophysical sources - among
them, AGNSs, radio-galaxies, and pulsars - satisfy the necessary conditions (but may or
may not be sufficient) for acceleration up to ~ 102 eV [5].

15

Protons P=1/300

Protons f=1

Colliding

log (Magnetic field, gauss)

3 6 f 12 "15 ’ 18 ’21
1 au 1 pec 1 kpc 1 Mpc

log(size, km)

Figure 3.10: The Hillas diagram showing size and magnetic field strengths of possible
sites of particle acceleration. Objects below the corresponding diagonal lines cannot
accelerate protons(iron nuclei) to 102 eV. Bcisthe charateristic vel ocity of themagnetic
scattering centers [5]. The upper diagona line is for protons § = 1/300, the middle
diagond line is for protons B = 1 and the lower diagona lineis for Fe nuclel. This
picture was taken from [5].

3.7 Galactic and extragalactic cosmic ray

3.7.1 Galactic cosmicray

While solar CR are identified by their temporal association with solar flares or spatial
association with interplanetary shocks, or by the compositional and spectral signatures
of anomalous CR, the steady, nearly isotropic flux of high energy particles comesfrom
sources far outside the heliosphere. These sources still lack definitive identification
nearly a century after their discovery. The fundamenta difficulty is that diffusive
propagation in the turbulent interstellar medium smooths out spatial and temporal
variations that may characterize the sources[10].

Itisgenerally believed that the bulk of CRswith energy below theknee are Galactic
in originand that their main production mechanism is accel eration by supernovashocks

2.
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Theknee of the spectrum

Oneinterpretation of the knee of the spectrumisthat it reflects achangein propagation
of galactic CRs, perhaps corresponding to more rapid escape from the galaxy. A
problem of this interpretation is that the spectrum in the knee region may have more
structure than would be the case for a steepening of the rigidity spectrum of each
elemental component of CR. An alternate interpretationis that this part of the spectrum
may be produced by only one or afew sources[10].

Ancther and maybe more probable explanation of the origin of the knee is that
SNRs are not able to accelerate particles to higher energies. The continuous break
in the spectrum (knee) is caused by the fact, that energies, which can reach protons
from SRNs are lower, than energies of heavier nuclei. If the maximal energy to which
particles can be accelerated in SNRs is about the energy of the knee, the composition
of CRsis also changing at this point of spectra.

3.7.2 Extragalactic cosmic ray

Ultra high energy cosmic rays are presumed to be of extragalactic origin. With in-
creasing energies, and thus Larmor radii (13), the galactic charged particles can not be
confinedin our Galaxy. Moreover the accel erator candidatesin the Galaxy are expected
to reach their maximum energy well below 1018 eV [11].

3.7.3 Transition from galactic to extragalactic

The transition between galactic and extragalactic cosmic rays is believed to happen
between 1018 and 101° eV where aspectral break in the CR flux known asthe’ ankle’ or
"dip’ is observed. The exact position and nature of the transitionis still disputed and it
seems clear that a combined precise measurement of the particle flux and composition
in this energy rangeis needed to be able to distinguish between different models of the
extragal actic cosmic ray component [11].

3.8 GZK cut-off

Intheyear 1966 K. Greisen[12] andindependently G. T. Zatsepinand V. A. Kuzmin[13
showed that CRs particles loose their energy by interactions with cosmic microwave
background (CMB) radiation. The relict photons (CMB) remain after Big Bang (14).
Today they have a temperature of 2.7 K. This radiation (CMB) homogenoudly fills
al the Universe and has big influence on the propagation of the CR’s particles with
extremely high energies. The existence or non-existence of GZK cut-off is one of the
fundamental questions of current studies of CR (seefig. (3.11) - the different results of
experiments AGASA and HIRes).
The principal reactions of protons p with background photons (y2.7«) are [14]:

13Larmor radii become larger than the thickness of Galactic disk.
14The beginning of our Universe.
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Figure 3.11: The comparison of measurement of the end of the energetic spectra of
cosmic rays from the experiments HIRes and AGASA. Black circles and red squares
are the results of HIRes. The green and blue triangles are the results from AGASA.
Despite that AGASA observes the continous spectrum (no evidence of GZK cut off),
the experiment HIRes observes the steep slope of the spectrum end (evidence of GZK
cut off).

—  n4nt
Ptyem g0 (3.24)
P+Yek — ptet+e (3.25)

For abackground photon of energy € in the CRF (CRF - cosmic rest frame, defined
as the frame in which the CMB is isotropic), the threshold energy of photo-pion (see
equation 3.24) production (Nyp — N(nm),n > 1) for the nucleon energy is [5]:

_ M (M +mg/2) 16/ €\t
Eop = - ~ 6.8 10 (ev) ev, (3.26)

where my is nucleon mass and my is pion mass. Energy loss per interaction is around
20 % [14].

Typical CMB photon energies are e ~ 103 eV, leading to the so called Greisen-
Zatsepin-Kuzmin (GZK) " cutoff” at a several tens of EeV [5].

From the fig. (3.12) one can clearly see, how the GZK cut-off threshold "works’.
If any UHECR particle traveled sufficient distance, the energy of the particle decreases
to the GZK cut-off independently on the initial energy of the particle.
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Other energeticlooses of UHECR

Below this energy range, the dominant loss mechanism for protons is production of
electron-positron pairs on the CMB (see equation 3.25 - in this case the energy loss
per interactionis”only” around 0.1 % [14]), py, — pete, downto the corresponding
threshold [5]:

_ Me(My+Me) u( e\t
Ein — . ~48x10 (eV) ev. (3.27)

Therefore, pair production by protons (PPP) in the CMB ensues at a proton energy
E~5x10YeV.

The next important energy loss mechanism which starts to be dominant near and
below PPP threshold is redshifting due to the cosmic expansion. All other energy loss
processes are negligible, except possibly in very dense central regions of galaxies[5].

For neutrons, B-decay (n — pe~ V) is the dominant process for E < 10%° eV. The
neutron decay rate I'n = my/(tne), with T, & 888.6 + 3.5 sec the laboratory lifetime,
implies for neutrons range of propagation [5]:

E E

where E is neutron energy and my is neutron mass.
The dominant energy loss process for nuclei of energy E > 101° eV is photodisin-
tegration in the CMB and the IR background (IRB) due to the giant dipole resonance

5.
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Figure 3.12: The scheme of the energy looses of CR particles as a function of the
distance traveled. This picture was taken from [15].
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Chapter 4

Secondary Cosmic Rays

4.1 Basicdescription and features

If the primary cosmic ray particle hits the Earth’s atmosphere, this particle interacts
with the atmospheric nuclei. The reaction chain starts. In thisreaction chain - so called
shower of secondary particles - many new particles are created (see the fig. 4.1 for
illustration). This particle cascade is also called extensive air shower (EAS).

primary particle
b He, .., Fe

atmosphere

electromagnetic

Figure4.1: llustration of the componentsof the shower of the secondary particles. This
pictureistaken from [16].



The first interaction occurs at altitude of a few tens of kilometers. The position of
the first interaction is strongly dependent on the type of the primary particle and its
energy.

The EAS may have millions till a few tens of billions secondary particles. The
number of these secondary particles depends on the positions of the first interactions,
on the type of the primary particle, on its energy and also on the atitude. The number
of the secondary particles increases from the first interaction. In a few kilometers
abovesealevel, the shower reachesits maximum. It happens, when the average energy
per particle decreases under critical value of energy (). Under this critical energy a
creation of new particlesis no longer possible. This point is called the maximum of the
shower (2),

In some assumptions, it is supposed, that the shower front is planar and it looks
like a pancake. When the shower falls down to the Earth’s surface it may have a few
kilometers in diameter. So the shower can hit the area of few tens of km?2. The size of
this areais strongly dependent on the zenith angle(3).

On the Earth’s surface, only secondary particles can be detected. Because of the
big diameter of the shower from the primary particleswith the highest energies, the big
areamust be covered by detectors(#). From the secondary particles, which are detected,
the type of primary particle, the arrival direction and its energy can be determined.

The composition of the EAS dependson the primary particle. If the primary particle
is photon, the EAS will be composed almost from electrons, positrons and photons. If
the primary particle is some nucleus, the shower will be composed furthermore from
muons, neutrinos and hadrons (protons, neutrons and pions).

The shower has three components, which will be described in the next sections.
There are electromagnetic, hadronic a muonic components.

Theshower consistsof acore of high energy hadrons. Thishadronic corecontinually
feeds the electromagnetic part of the shower, primarily by the photons from decay of
the neutral pions and eta particles. Nucleons and other high energy hadrons contribute
further to the hadronic cascade. Lower energy charged pions and kaons decay to feed
the muonic component [2].

1This energy is called critical energy E..

2Maximum of the shower - in the sense of the number of the particles. There can be also maximum of
the shower in the sense of energy loss. Both maxima occur close together.

3The zenith angle is the angle between the line, which is perpendicular to Earth's surface and between
the direction, from which the particle cames.

4And also the main reason for a big covered area is the small flux of UHECR.
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4.2 Toy mode

A very simple model by Heitler (1944) illustrates some general features of air showers.
Heitler introduced thismodel for devel opment of el ectromagneti c cascade, but thebasic
structure is also applicableto air shower initiated by hadrons[2].

Figure 4.2: Simple branching model of an air shower.

The scheme of this model is in the picture (4.2). Each line represents a ” particle”

or a packet of energy. After one collision length A the line split into two lines. Thisis
branching process.

After n = X/A collisions, the number of the particleis:
N(X) = 2" = 2X/*, (4.1)

where X is dlant depth along the shower axis.
At the depth X the energy per one particleis equal to:

E(X) = Eo/N(X), (4.2)

where Eg is primary particle energy.

The splitting continues until E(X) = E¢, where E; is the critical energy for given
process. After this, the particle only loses its energy - gets absorbed, or decays.

The number of particles at shower maximum is equal to:

Nrmax = Eo/Ec, (4.3)
and it can be shown, that the position of maximum of the shower can be determined as:

. In(Eg/Eo)
X = Ay o= (4.4)
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Equation (4.3) and (4.4) hold not only for electromagnetic cascades, but approxi-
mately also for showersinduced by hadrons (i.e. for CR showers as well) namely:

These equations may help us to understand behavior of Xyax as afunction of E as
will be studied in detail s in the chapter 8.

4.3 Theshower components

Electromagnetic component

The electromagnetic component is composed of electrons, positrons and photons. The
basic high-energy processes, which contribute to the electromagnetic component are
pair production and bremsstrahlung.

The number of e, e~ and yincreas until the energy of such particlesis higher than
critical energy (E > E¢). The critical energy for electrons in the air is approximately
equa to 80 MeV. Below this critical energy, the numbers of e*,e~ and y rapidly
decrease.

Abovetheenergy E > Ec, collision losses and Compton scattering can be neglected
in calculating the shower development [2].

Theradiation length for electronsin the air is equal to 37.1 g/cm?2. The energy loss
due to bremsstrahlung is: & ~ —%, here Xy is the radiation length for electrons in
air.

Hadronic component

In the hadronic component, there are predominantly nucleons, pions and kaons. This
component of EAS is increasing its strength until the energy of nucleons decreases
under the value of energy of a few hundreds of MeV. Protons loose their energy in
ionization processes and neutrons evocate nuclear processes until they become slow.
Slow neutrons are then captured, mostly by N nucleus[17]. (**N(n, p)*C*)

M uonic component

Muons in the shower originate predominantly from the decays of pions and kaons.
Muons are considered as more penetrating component of the shower.

The probability that pions more likely decay than interact depends on the energy
of the primary particle and the density of the atmosphere. In the higher parts of the
atmosphere, due to the lower density, the probability of decay of high-energetic pions
is high. The most energetic muons are the results of the high-energetic pions and they
give us an information about the earlier development of the shower. High-energetic
muons are produced near the shower axis and they are created approximately at the
altitude of 8 - 16 km above sealevel [1].

The numbers of high-energetic (in the order of TeV) and low-energetic (in order of
GeV) muons depend on the atomic number of the primary particle.
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L et us suppose, for example, two showers. Both with the same primary energy, but
in the first one primary particle is proton, and for the second one the primary particle
isiron nucleus. In the interaction of iron nuclei with the atmosphere, approximately
56 subshowers is created. Each subshower is generated by the nucleon with average
energy Eo/56. The heavier primary nuclel create more pions, but with lower average
energy. Most of these pions will decay to the muons.

Number of the high-energy muons created by the primary particle with atomic
number A can be determined from this formula[1]:

KAsecO [ Emin \ ¢ Emin \"
Ny(> Eppip) = 0 1— 4,
(> Brin) Emin (EO/A> ( Eo/A) : (46)

where Eq is energy of primary particlein GeV, A isatomic number of primary particle,
Enin isin units of GeV, K = 14.5 GeV, oo = —0.757, § = 5.25, 0 is zenith angle. This
equation is based on Monte-Carlo simulation and it is supposed that 6 < 60°.

4.4 Thedevelopment of the shower

In the shower, there are stable and unstabl e particles, which can be charged or neutral .
Unstable particles can interact or decay, stable particle can only interact. Between two
interactions (or decay) the charged particleloosesits energy by ionization processes (or
by excitation - will be described later in this section). Neutral particle does not suffer
any energetic looses between interactions (or decay).

Thedistancetraveled by aparticlebeforeit undergoesitsnext inelastic interaction or
decay can be determined by the cross section for ahadronic reaction and the probability

of decay [18].

4.4.1 lonization energy loss

The energy loss by ionization of a charged particle which traverses matter of thickness
A is described by the Bethe-Bloch stopping power formula[18]:

dEj = 7\['3—222](1 (ln(’Yz — 1) — B2+ KZ) = ;;Yz_zilcl (In(’YZ - l) - B2+ Kz) (47)

where B = v/cis the velocity of the particle in the laboratory frame in the units of the
speed of light, y isits Lorentz factor, z is the charge of the ionizing particle in units of
eand x; and i, are constants for air in units[MeVg~tcm?].

4.4.2 Particledecays

Most of the particles, which are produced in high-energy interactions are unstable and
they may decay into other stable or unstable particles. Neutral pionsand n mesons and
al resonances have short life time, so their interactions are negligible - only decays
are important.  The only way, which prevents the muons to penetrate through the
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atmosphereis decay. In CR shower neutrons can be considered as a stable particles,
due to their long life time. For al other unstable particles, there is a competition
between decays and interactions(®).
n° decays
The dominant decay process for neutral pionsis the decay into two gamma:

TEO —Y+Y.

The probability of this decay is 98.8%. This decay isisotropic in central mass system
of n°. Thusthe energy of yisequal to: E, = myoc?/2.
Other possibility, how neutral pion can decay is so called Dalitz decay:

n—e +e +y.
This decay has probability only 1.2 %.
The mean lifetime of n° is (8.4 4 0.6) x1071' s,
nt decay
The decay process of charged pionsis:

™t — 1 4.

This decay isisotropic in the central mass system of the charged pion.
The mean lifetime of n is(2.6033 = 0.0005) x10~%s.
Muon decay

The decay process for muoniis:
bt —ef +vet vy
The mean lifetime of p* is (2.19703 + 0.00004) x10 % s,

Kaon decays

Kaons may decay by many ways. The fina state consists mostly from two or three
particles. The dominant decays and their probabilitiesarein the table (4.1).

The mean lifetime of K= is (1.2386 + 0.0024) x 108 s, the mean lifetime of K is
(0.8935 - 0.0008) x 10~1% s and the mean lifetime of K is (5.17 + 0.04) x10~8s.

1 decays

Then mesons can decay in several ways, the most dominant processes arein the table
(4.2).
The mean lifetime of 1 mesonsis approximately 5x 1019 s,

5In this section (Particle decays) literatures [33] and [18] is used.
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decay mode probability [%] decay mode probability [%]
KE—pf+v 63.5 KI-n"+n 68.6
K* -t +n0 21.2 KQ — 270 314
K* -t + 0t 4 nF 5.6 K —n*+ef+v 387
K* - nl+et+v 438 K — 4+t +v 27.1
KE — 10+ P 4 +v 3.2 KQ — 3n° 21.8
K* — 04+ n0+n* 1.7 KO- nt+n +nO 12.4

Table 4.1: The dominant decays of kaons.

decay mode probability[%]
n—y+y 39.13
n— 3n° 32.09
n—nt+n +n° 23.89
nN—nt+n +vy 4.94

Table 4.2: The dominant decays of 1 mesons.

Strange baryon and resonance decays

This decays are al'so well known and the branching ratios can be found e.g. in[18].

4.4.3 Particleinteractions

Hadronic interaction

The hadrons are produced by strong interaction of the incoming primary particle and
by further interactions. Hadrons interact with another air nuclei and create a new
sub-shower. If the hadrons have small energy, they can only excite air nucleus.
Muonic interactions

Muons suffer energetic looses by bremsstrahlung or by ete -pair production. Both
processes are negligible below 2 TeV, but become important with increasing energy.
Electromagneticinteractions

The main interaction processes for electromagnetic shower are Compton scattering,
bremsstrahlung and pair production.

4.4.4 Cerenkov radiation

If the charged particle is moving through some medium with the velocity v, which is
higher then the local speed of the light in given medium, the particle emit Cerenkov
photons. So the primary condition for the origin of the Cerenkov radiationis:

C
V> ﬁ, (48)
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cisthe speed of light in the vacuum and n is the index of refraction of given medium.

Clarged particle

Figure 4.3: lllustrative picture of the Cerenkov radiation.

The Cerenkov photons are emitted in the angle © (see fig. 4.3). Thevalue of this
angle can be described by following formula:

cosO = ] (4.9
Bn
where3 =v/c.
From the equation (4.9) we can determine the minimum velocity of the particle for
emission of Cerenkov radiation. For the minimal velocity of the particle the condition
is:

1
Bmin = ﬁ (4-10)

The number of photons between the wavelengths A ; and A, which will be created
at the distancel is equal to:

2nz? (1 1)\ .
N(AA2) = %I (7»_1 - 772) sin2e. (4.11)

where Z is the proton number of the particle.

4.45 Atmospheric fluorescence

The charged particle, which is moving through the atmosphere excites air molecules.
The nitrogen molecules of the atmosphere is excited to the metastable energy levels.
In very short time (= 100ns) this electrons deexcite back to the ground state energy
and they emit characteristic isotropic fluorescence light. The nitrogen fluorescence
spectrum is shown in the figure (4.4).

By measuring the fluorescence the maximum and the energy of the showers can be
measured.

Infig. (4.5) it can be seen, that Cerenkov radiation isstrongly collimatedin contrast
with the isotropic fluorescence light.
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Figure 4.4: The most prominent part of the nitrogen fluorescence spectrum. This
pictureistaken from [19].
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.
Cherenkov radiation™
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Figure 4.5: The comparison of the fluorescence and (éerenkov rediation. It can be
clearly seen, that fluorescence is isotropic, while the Cerenkov radiation is strongly
collimated. This pictureistaken from [20].

4.4.6 Thelongitudinal development of the shower

The longitudinal development of the shower can be approximately described by the
following formula[21]:
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Xmax—Xp

dE X=X A xmaeX
fon(X) = A 4.12
W= g (reoe) @12
where -9€_ isenergy deposit at shower maximum, X isthe point of thefirst interaction,
dXmax

Ximax 1S the point of the shower maximum and A is a constant (sometimes identified as
an interaction length).
This equation (4.12) can be overwrite to another form:
Xmax—Xp
X=X » Xmax—X
N(X) =N e e
(X) = N (xmx - xo>
where N(X) is the number of the particlesin the dlant depth X and Npax is the number
of the particles in the shower maximum.

(4.13)

4.4.7 Thelateral profile

The lateral profile is usually described as particle density as a function of distance to
the shower core.

Thelateral distribution function

From the el ectromagnetic cascade theory it can be shown, that an average shower will
have a particle density dependence on perpendicular distance from the shower axis
given by [1]:

N r
rN==fls— 4.14
o) =151 (s @14
where N is the total number of electrons, r1 isthe Moliere multiple scattering unit and
sisthe age of the electromagnetic shower. The shower ageis defined as [1]:

3

= — 4.1
S= (4.15)
wheret isthe distance along the shower in radiation lengths and
Eo
= I _—
y=In E.’

where Eg isincident energy and E. is critical energy.
The function f was calculated from electromagnetic cascade theory by Nishimura
and Kamata [22] and can be represented by:

f <S,L) _ (r >S_2 <1+rL>S_4'5r(4.5—s) /[2nT(9T(45-25)].  (4.16)

r r 1
For hadronic showers, the experimental average lateral distribution function can be
well represented by the Nishimura-Kamata equation with effective age of 1.25. The
full function (p(r)) is then known as the NKG (Nishimura-Kamata-Greisen) lateral
distribution function.
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Thelateral distribution of muons

Thelatera distribution function of muonsis described by the following formula[2]:

075
pu(r) = 18. (%) + (1—1— é}) [muons/m?], (4.17)

wherer isadistanceto the corein ameters, Ne is the total number of charged particles
in the shower front, most of them are electrons and positrons.



Chapter 5

The Measurement Techniques of
UHECR

In this chapter the basic principles of the measurement techniques and procedures
how to obtain primary particle energy, direction and other shower characteristics will
be described. The aim is not to explain in details various experiments but rather to
concentrate on a specific example of new and world largest cosmic ray detector Pierre
Auger Observatory currently built and operatedin Argentina. Thetechniquesof surface
array and fluorescence detector of Pierre Auger Observatory cover inbasic principlesthe
measurement techniques used by previous experiments HIRES (fluorescence detector)
and AGASA (surface array). The only significant differenceis that the measurement
of fluorescence detectors (FD) is used hereto calibrate the energy of the showerswhile
the data taken by surface detectors (SD) is used to enlarge significantly the statistics for
many analysis such as e.g. the energy spectrum.

5.1 ThePierre Auger Observatory

The Pierre Auger Observatory (PAQO) is an international project for detection of high
energy cosmic rays. It isthe biggest project for the detection of CRs in theworld. This
project takes name after French scientist Pierre Auger, who discovered the secondary
showersof CR intheyear 1938. PAO isacollaboration of morethen 30 institutes from
17 countries. More than 350 scientists participate in the experiment.

The basic idea of observatory cames from prof. James Cronin (he was awarded the
Noble prize in 1980) from the Univesrity of Chicago and prof. Alan Watson from the
University of Leeds. Theinternational collaboration on this project beganin November
1995. Themain goa of PAQ isthe detection of cosmic ray particles with energy higher
than 1018 eV [39], [40].

PAO is build on the southern hemisphere. It is located in the pampa close to the
city Malarguein the province Mendozain the West Argentina(seefig. 5.1). Theworks
began in the year 2001 and this year (2008) the work will be finished. Thereisaplan
to build asimilar observatory in the northern hemispherein the future.
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(a) Location in Argentina (b) Central building

Figure5.1: The Pierre Auger Observatory - location and central building.

Figure 5.2: The scheme of hybrid detection.

PAO is a hybrid detector. This means, that PAO uses two different detections
techniques to measure CRs. The first one is surface detector method and the second
one is the fluorescence detector method. The combination of two measurements (see
fig. 5.2) brings an independent calibration, better angular and energy resolution. The
two detection techniques will be described separately now.



5.1.1 Thesurfacedetectors

Due to the extremely low flux of CRs particles with the highest energies the big area
must be covered for such detection.

The surface detectors of PAO covers an area of about 3 000 km?2. Each detector is
1.5 km apart from another one. Thefinal array will count 1 600 surface detectors (see
fig. 5.3).

Figure 5.3: The final scheme of al surface detectors (blue points) used at PAO in
Argentina. Theyellow labels represent the places, were are the fluorescence tel escopes
placed.

The Cerenkov detectorsare used as surface detectorsat PAO. It isaplastic tank (see
fig. 5.4(a)), whichisfilled with 12 000 liters of clean water. Each detector has three
photomultipliers, solar panel, electronics, communication antenna and GPS antenna.

e

(@ The Cerenkov detector, which is (b) The time series of the signal from
used at PAO. the detectors.

Figure 5.4: The surface detector at PAO.

From time series of the signals from the detectors (seefig. 5.4(b)) the arrival angle
of the incoming shower can be determined. From the measured particle density the
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energy of the shower can be calculated. From the number of muons and from the shape
of the signal the estimation of the primary particle mass can be in principal done.

The big advantage of the SD is that these detectors are able to measure all thetime.
Disadvantage is the fact, that these detectors see only a 2D projection of the shower at
the point it hits the Earth.

5.1.2 Thefluorescence detectors

As it was mentioned above, PAO is a hybrid detector. The second measurement
technique used is the atmospheric fluorescence detection.

The atmospheric fluorescence detectors (FD) are placed at four observatories (see
fig. 5.5). Each observatory consists of six telescopes. The telescope has its own
independent bay at the observatory. In front of telescopes, there is a filter, which
transmits the light with wavelength between 300 - 400 nm only. Each telescope
consists of mirrors (see fig. 5.6). The mirrors at each telescope make a collecting area
of 3.6 x 3.6 m2.The camerais in the focus of each telescope and it is made from 440
photomultipliers. The viewing field is 30° x 30°. The telescopes can see the shower
light from the distance up to 35 km.

Figure 5.5: One of the four observatories with atmospheric fluorescence detectors.

The big advantageisthat the FD see amost the whole shower. So the devel opment
of the shower can be measured and studied. On contrary with SD can measure only
during moonless night.

The fluorescence profile (see fig. 5.7) copies the distribution of the number of
particlesinthe shower (respectively the energy deposit of the shower inthe atmosphere).
So by measuring the fluorescence profil e the informati on about maximum of the shower
and primary particle energy can be obtained.

To reconstruct the shower, thefollowing stepsmust bedone. Atfirst, thebackground
radiation (mainly Cerenkov radiation) must be subtracted. Then the measured signal
must be converted to the energy deposit. After that the shower profile can be fit by
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(a) Experimental set up. (b) The detailed view.

Figure 5.6: The atmospheric fluorescence detectors used at PAO.
the Gaisser-Hillas function (4.12). From this fit, the maximum of the shower can be
determined. As will be shown in the 8" chapter, the shower maximum is connected

to the type of the primary particle. By the integration of this fit, the primary particle
energy can be calculated.

shower size N,

sea level

horizontal shower

sea level

y I zenith angle of 40 deg.

Figure 5.7: Measurement of the shower development by the FD.
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Chapter 6

The Simulation Programs and
Models

In this chapter the programsfor simulation of cosmic air shower will be described. The
interactions models, which are currently used will be introduced. The simulations of
the atmospheric showers of secondary CRs are very important for our understanding of
measured data. Ways, how this showers can be simulated, will be described.

The straightforward approach is to model each possible interaction of hadrons,
leptons and photons with air molecules, and trace all secondary particles [23]. The
number of possibleinteractionsquickly increase with the growing numbers of secondary
particles. Sothesimulationtime of oneshower caused by the particlewith theultra-high
primary energy would take months. Thisis abig disadvantage of this approach.

One of the first people, who tried to solve this problem was Hillas. He proposed
a thinning agorithm. Below some fraction fi;, of the primary particle energy only
a small sample of the particles is actually followed in details, attributing them some
weight [23]. But this solution brings an artificia fluctuations and the compromise
between size of these fluctuations and computation time must be chosen.

The way, how to overcome this problems (long computation time, fluctuations) is
to use cascade equations. The system of cascade equations (mostly one-dimensional)
describesair showers. These equations can bethen combined with Monte-Carloinorder
to account for natural fluctuations dueto thefirst interactionsand for lateral spread [23]
(for the scheme seefig. 6.1). Thisisthe principe of the hybrid approach. The hybrid
approach can be also combined with shower libraries, which contain presimulated
longitudinal profiles.

6.1 Thesimulationsprograms

6.1.1 CORSIKA

CORSIKA is a simulation program for detailed simulation of the showers of CR
originally designed for KASCADE experiment. Protons, nuclei up to theiron, photons
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Monte-Carlo:
MNatural fluctuation

Cascade equations:
longitudinal treatment

low energy particles in
Monte-Carlo:
lateral spread

Figure 6.1: Schematic illustration of the hybrid approach using cascade equationsin
SENECA [23].

and many other particles may be treated as primaries [18]. The particles are traced
through the atmosphere until they interact or decay. All decay modes are taken into
account, if the decay fraction is higher than 1%. Also the Cerenkov radiation and
neutrinos can be generated.

In CORSIKA, these high-energetic interaction models can be used: VENUS [24],
QGSJET [25], QGSIETII,DPMJET [26], Sybill [27], Epos [28] and neXus [29]. The
low-energetic interaction models are GHEISHA [30], ISOBAR or FLUKA [31].

CORSIKA was not used in this work, because only the longitudinal profile of the
shower was needed for our purposes.

6.1.2 CONEX

CONEX isahybrid simulation code, that is suited for fast one-dimensional simulations
of showers profiles, including fluctuations. That means, that CONEX combines Monte
Carlo (MC) simulation for high energy interactions with fast numerical solution of
cascade equations (CE) for the resulting distributions of secondary particles.

The main input parameters are the mass of primary particle, its energy, zenith angle
and high energy interaction model. The energy deposit profile as well as charged and
muon longitudinal profiles are calculated. The results from the simulation are stored in
the ROQT files.

In CONEX, these high-energetic interaction models can be used: neXus, QGSIET,
Sibyll, QGSIETII.

6.1.3 SENECA

SENECA is an air shower simulations code in a hybrid approach using a cascade
equations. See (fig. 6.1) for schematic illustration.
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The SENECA simulation code allows the fast simulation, where the main param-
eters are the type of the primary particle, the energy of the primary particle and the
number of showers. The results from the simulation are stored in a common text files.

In SENECA, these high-energeticinteraction models can be used: QGSIET, Sybill,
QGSIET II, Epos and neXus.

6.2 Theinteractions models

The interaction models will be not discussed in details. Only genera characteristics
of these models will be shown such as cross sections, multiplicity distributions, muon
energy spectra etc.
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Figure 6.2: Inelastic hadron-air cross sections at higher energies of various interaction
models. This picture was taken from [18].
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Figure 6.4: Inelastic cross sections of protons, pions, and kaons with protons for
different interaction models as function of projectile momentum. This picture was
taken from [18].
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Figure6.5: K* multiplicitiesin proton-air collisions as function of energy. Thispicture
was taken from [18].
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Figure 6.9: Muon energy spectra for iron induced vertical showers of 101* and 10'°
eV. This picture was taken from [18].
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In the figures (6.2), (6.3) and (6.4) there are cross sections for different interaction
processes given by various interaction models. Generaly for al these interactions it
can be said, that the cross section is increasing with increasing energy. In the case
of hadron-air interaction (see fig. 6.2), the highest value of cross section is given by
SYBILL interaction model and at the highest energies also by neXus. The QGSIETO01
and QGSJETO02 give the similar values in the case of protons and kaons. In the case
of pions, QGSJETO1 gives a higher value than QGSJET02. In the case of nucleus-
air interaction (see fig. 6.3) for proton, the spread of cross section values given by
different interaction model s becomes more wide with increasing energy. In other cases,
the interaction models give similar values.

In the figures (6.5) and (6.6) the multiplicity of kaons and pions is shown. The
multiplicity becomes higher with increasing energy. In the case of kaon multiplicity,
the low energy interaction model GHEISHA 2002 givesthe smallest value. QGSIET01
and QGSJETO02 give the similar values at the lower energy range, but at the highest
energies, QGSIETOL gives higher values. SYBILL gives the lowest value (except
of GHEISHA) in the case of K~ but at the highest energies gives a little bit higher
valuethan QGSIETO02. Inthe case of K+ SYBILL gives higher value than QGSIETO01
and QGSIET02. In the case of pion multiplicity, the highest values are given by
QGSJETOL.

The kaon and pion multiplicities for proton-proton collisions are shown in the
figures (6.7) and (6.8). In both cases (kaons and pions) multiplicity is increasing with
increasing energy. The lowest valuesin both cases are given by GHEISHA2002 (this
model is currently used as a low energy interaction model). In the case of kaons,
QGSIETO01 and QGSIETO02 are in a good agreement with the experimental data from
variousexperiments. NeXusand SYBILL givealittlebit lower valuesthan QGSIETO01
and QGSIET02. QGSIETO01 givesthe highest valuesin the case of pions. QGSIET02
and neXus arein a good agreement with the experimental data. SYBILL givesalittle
bit lower values.

The muon energy spectra are shown in the figures (6.9) and (6.10). In the case of
proton induced shower (for both primary energies) SYBILL gives the lowest values
and QGSIET01, QGSIET02 and neXusgive similar values. In the case of iron nucleus
induced shower QGSIETO02 givesthehighest values, QGSIETO01 and neXusgive lower
values and the lowest values are given by SYBILL.
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Chapter 7

The Determination of the
Chemical Composition

In this chapter the two models, how to determine the chemical composition will be
described.

7.1 Thee€longation rate

The change of < Xpax > (see section 4.4.6) with energy is so called elongation rate.
From the elongation rate the estimation of the primary composition can be done.

The average value of Xax @ acertain energy E is related to the mean logarithmic
mass < InA > by [11]:

< Xmax >= Dp[In(E/Eg) — < InA>]+cp, (7.2)

where D, denotes the elongation rate of a proton and ¢, is the average < Xmax > of @
proton with reference energy Eq

7.2 Two component model

In this section we will assume, that there are only two components in CR - protons
and iron nuclei. This simplification comes from the fact, that protons are the lightest
particles and iron nuclei are the heaviest particles appearing in CR.

The mean value of the shower maximum Xmax can be written as the following
equation:

N
< Xerax >= Zi:;ll\lxr'nax7

where N is anumber of al Xmax values (measured or simulated).
In the case of two components the mean value of Xax can be written as follows:

(7.2)
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S Xfa ST P XES,
< Xmax >=p- == +(1-p) == ) (7.3)
Np -9 N(1-p)
where X{ax is for protons, X[, is for iron nuclei, p is a fraction of protons and N is
number of all Xmax values.

Using the equation (7.3) we can obtain following equation:

< X0a  — . < XP > +(1-p) < X > (7.4)
For two component model we finally end up with:

o= < data , _ < xFe >
< Xhax > — < XFe >
where pisafraction of protons(1), < Xdaa > jsthe mean val ue of the shower maximum

of measured data, < Xihax > (< XFE, >) isthe mean value of the shower maximum for
protons (iron nuclei) which can be taken from simulations.

(7.5)

7.3 Mean logarithmic mass

Inthismodel, thereisabasic assumption, that < Xnax > of component i is proportional
tolnA; (seeeg. 7.1): _
< Xpax >~ INA +C.
L et us define the mean logarithmic mass < InA >, where A is aatomic number, r;
isafraction of componenti and N is a number of components:

N
<InA>= Y riInA. (7.6)
i=1
In the case of two components(protonsand iron nuclei) we can rewrite thisequation
to the following form(2):

<InA>=(1-p)InAge, (7.7)

where 1-pisiron nuclei fraction and InAge islogarithm of atomic number of iron (A=
56).

If weusetheequations(7.5) and (7.7) weobtainthefinal equation for two component
model:

< Xpax > — < Xdata
< Xebax > — < XF&, >
where < X332 > jsthe mean val ue of the shower maximum of measured data, < X hax >
(< X8, >) isthe mean valueof the shower maximum for protons (iron nuclei) obtained
from simulations. 1t can be shown, that equation (7.8) holds generally, independently
on the number of components.

<InA>= In56, (7.8)

1The fractions of iron nuclei can be determined as 1 - p.
2Because for protons pInA = 0.
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Chapter 8

Results of Simulation in the
SENECA Smulation Code

In this chapter the results of simulation with the SENECA simulation code will be
described. The results of Xax are presented and influence of the interaction models
to the estimation of the chemical composition, using the real data from PAO will be
shown.

8.1 Resultsof smulation of Xmax

In the table (8.1) the simulation set is given. For each model the number of showers,
the minimum energy (log(Emin)) and the maximum energy (log(Emax)) of simulated
showers are shown. The step in logarithm of energy was chosento 0.5. In al cases,
the model GHEISHA 2002 (low energy interaction model) was used.

model particle | number of showers | 10g(Enin) | 109(Emex)
eos | 100 4|
seLL | f 100 5| o
wsem| 2| I w B
QesETI | f 100 14 | s

Table 8.1: The basic parameters of simulationin SENECA.
From this simulation, the value of Xyax was obtained. This value was processed

by C++ and ROOT and the results are shown in the following graphs (see fig. 8.1 and
8.2).
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Figure 8.1: The comparison of mean Xax value obtained from different interaction
models. The primary particle was iron nucleus. The symbols are explained in the
legend panel. In all cases GHEISHA 2002 was used as the low energy interaction
model.
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Figure 8.2: The comparison of Xmax Value obtained from different interaction models.
The primary particle was proton. The symbolsare explained in the legend panel. Inall
cases GHEISHA 2002 was used as the low energy interaction model.
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In the case, that the primary particle was iron nucleus (see fig. 8.1), the biggest
value of < Xmax > is predicted by the high energy interaction model QGSIJETO02.
The interaction model SYBILL gives value of < Xmax > only a little bit lower than
QGSJETO02. At the highest simulated energy (10%° eV) SYBILL predicts the highest
value of < Xpax >. The QGSIETOL interaction model predicts a little bit smaller
value of < Xmax > than QGSIETO02 and SYBILL. But at the highest simulated energy
< Xmax > value of QGSIETO01 iscloseto SYBILL. The smallest value of < Xpax > i
predicted by EPOS. At the highest simulated energy (102° V) the values of < Xpax >
predicted by different interaction models are close together in a good agreement (the
spread of < Xmax > valuesis quite small). Thisfact can be also clearly seenin thefig.
(8.3).

Let us discuss the case, when the primary particle was proton (see fig. 8.2).
Between the energies 10* eV and 10'8 eV QGSJET02 and SYBILL predict higher
value of < Xmax > than QGSIETO1 and EPOS. Between the energies 108 eV and
10% eV SYBILL continuously predicts the highest value of < Xiax > and QGSIETO01
continuously predictsthe lowest value of < Xmax >. But EPOS startsto predict alittle
bit higher value and becomes closer to SYBILL, while QGSIETO02 starts to predict
lower value of < Xmax > and becomes closer to QGSIETO1. Above the energies
10%° eV SYBILL and EPOS predict the highest < Xiax >, while the QGSJETO1 and
QGSIETO2 predict the smaller values of < Xmax >. The spread of < Xmax > valuesin
the highest ssmulated energy predicted by different interaction modelsis higher thanin
the case of iron nuclei as primary particle (see also fig. 8.3).

In the table (8.2) the average values of < Xyax > from al interaction models are
shown together with maximum and minimum < Xy > values. These data are plotted
infig. (8.3). Theinfluence of the interaction models to the < X > value is mostly
between 8 ~ 12 g/cm?, but in the case of iron nuclei as primary particles with the
simulated energy 10%° eV, the influence of the interaction models is only about 3~ 5
gm/cm?. At the lower energy values, the influence of the interaction modelsis alittle
bit higher for iron nuclei, but at the highest simulated energies the influence of the
model for iron nuclei is smaller than for protons.
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logE | avgp | maxp | ming | avgre | maxpe | minge |
14.0 | 489 498 482 356 364 346
145 | 524 534 517 394 400 383
15.0 | 556 567 548 435 444 426
155 | 587 597 577 472 483 462
16.0 | 616 626 607 509 523 498
16.5 | 645 655 636 542 552 533
17.0 | 673 681 665 573 583 563
175 | 701 708 693 606 614 594
180 | 729 737 721 633 624 644
185 | 757 767 747 664 671 653
19.0 | 784 795 772 690 699 681
195 | 812 825 797 719 725 709
20.0 | 845 857 822 748 745 754

Table 8.2: Table of average, maximum and minimum values of < Xz >. logE isa
logarithm of energy in €V, avg,, is the average < Xmax > valuefor protonsin the units
of g/lem?, max, is the maximum value of < Xpax > for protons in g/cm? and minp
is minimum value of < Xmax > for protonsin g/cm?. Similarly avgre is the average
< Xmax > valuefor iron nuclei in g/em?2, maxge is the maximum value of < Xpmay > for
iron nuclei in g/em? and minge is minimum value of < Xuay > for iron nuclei in g/lem?.
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Figure 8.3: The value of < Xmax > computed as average from all interaction mod-
els. The error bars represent value ranges and show the influence of the high energy
interaction models.

65



8.2 The data measured by the Pierre Auger Observa-
tory

The data, which were measured by Pierre Auger Observatory, were taken from [11].
These datatogether with the simulated data were used to determinethe influence of the
interaction models to the estimation of the chemical composition.

The datameasured by PAO are shown inthe figure (8.4) together with the simulated
data.
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Figure8.4: Thedatameasured by PA O together with the dataobtained from simulations.
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8.3 Theinfluence of high energy interaction models to
the determination of chemical composition of cos-
mic rays

8.3.1 Resultsfrom individual models

To determine the chemical composition of CRs the methods described in the chapter
(7.2) and (7.3) were used. The data obtained from the SENECA simulations and the
data measured by PAO were used. The datafrom PAO are shown in the fig. (8.4). It
seems from the data that there might be possible change of elongation rate (slope of
the dependency < Xmax > on E) at the energy 101835, To parameterize these data the
two linear fits (below and above the energy 101835 eV ) were done as suggested also
in[11]. The equation (8.1) is for the fit below the energy 101835 eV and the equation
(8.2) isfor the fit above the energy 10183 ev.

y = 72.3x— 600.2 (8.1)

y=36.1x + 64.5 (8.2)

For the two component model the fraction of protons was computed from the
equation (7.5). The results are in the table (8.3) and they are plotted in the fig. (8.5).
From the equation (7.8) the mean logarithmic mass was determined. Theresultsarein
the table (8.4) and they are plotted in the fig. (8.6).

QGSJETOL | QGSIETO02 | SYBILL | EPOS

logE [eV] p [%] p [%] p[%] | p[%]
175 67.9 55.0 56.0 70.9
18.0 79.2 65.9 63.3 77.2
185 83.4 72.8 64.6 77.1
19.0 73.6 63.1 58.1 64.6
195 62.3 58.8 435 52.7
20.0 50.4 — 33.7 385

Table 8.3: Theresults of chemical composition computed from two component model
(thetwo fractions are protonsand iron nuclei). logE isalogarithm of energy and p [%0]
is apercentage fraction of protons. The fraction of iron nuclel isthe rest.
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<InA>
logE [eV] | QGSIETO01 | QGSIETO02 | SYBILL | EPOS
175 1.3 1.8 1.8 1.2
18.0 0.8 14 15 0.9
18.5 0.7 11 14 0.9
19.0 1.1 15 1.7 15
195 15 1.7 2.3 1.9
20.0 20 — 2.7 25

Table 8.4: The values of the mean logarithmic mass. logE is alogarithm of energy,
< InA > isthe mean logarithmic of mass.
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Figure 8.5: Theresults of chemical composition calcul ated from two component model
for different interaction models. The symbols are explained in the legend panel.
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Infig. (8.5) the results of chemical composition computed from two component
model are plotted. Generally it can be said, that all interaction models give at alower
range of energiesincreasing fraction of protonswith increasing energy. The maximum
of the proton fraction is approximately around the energy 108> eV. Following with
the increasing energy, the protons fraction is decreasing - the fraction of iron nuclei is
increasing.

Themost abundant proton fractionis predicted by the QGSIETOL1 interaction model
(at the maximum gives the fraction of protons around 85%). On the other hand the
EPOS interaction model gives the lowest proton fractions. At the highest simulated
energiesthe fraction of iron nuclei is around 65 %.

In fig. (8.6) the results of mean logarithmic mass are plotted. This method gives
more genera results in the meaning, that the equation (7.8) holds generally indepen-
dently on the number of components.

It can be said, that the mean logarithmic mass is decreasing between energy range
10175 eV to 1085 eV. Around the energy 1018 eV the mean logarithmic mass reaches
the lowest values (the lightest nuclei are more abundant). Above this energy the value
of mean logarithmic massisincreasing.

Thelowest values of mean logarithmic massare given by the QGSIETOL interaction
model. On the other hand, the EPOS interaction model givesthe highest values of mean
logarithmic mass.

8.3.2 Modd dependence

The influence of the interaction models to the estimation of chemical composition of
CRs can be evaluated in two ways.

Thefirst possibility isto determinetheaveragevalueof < Xmax > (for al interactions
models) and then from this mean value determine the chemical composition and its
model error.

The error is determine from following equation:

of \? 2 of \?2 2

(o) (o) ™+ () ()" &9
where f is the function which represents the equation to determine the chemical com-
position, Ayee is the error of mean value of < XFe > and Axp_ isthe error of mean
value of < Xhax >. For the set of simulation models the errors Axnﬁsx and Aanax are
computed as maximum < Xpyax > value minus mean < Xpyax > value respectively as
mean < Xmax > vaue minus minimum < Xax > vValue. Thisrepresents a conservative
assumption that the true < Xmax > value can be wherever in the interval of obtained
< Xmax > values.

The second possibility is to determine chemical composition (fractions of protons
or mean logarithmic mass) for each model separately and then determine the average
value of these results and < Xmax > value range. The value range is determined as
maximum and minimum val ue of obtained proton fractionsor mean logarithmic masses
< min,max >.
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The influence of the models based on the average value of < Xy > obtained for
different interaction models

The results of proton fractions determined from the average value of < Xax > arein
the table (8.5). These results are plotted in fig. (8.7). The results of mean logarithmic
mass determined from the average value of < Xyax > areinthetable (8.6) and they are
plotted in fig. (8.8).

logE | p[%] | er” [%] | er” [%]
175 | 625 5.6 6.4
180 | 715 6.8 6.9
185 | 741 7.9 8.6
190 | 644 85 9.0
195 | 535 8.3 9.9
200 | 39.7 5.3 9.8

Table 8.5: The mean value of protons fraction computed from the average value of

< Xmax >. logE isalogarithm of energy in eV, p isthe protonsfraction, er ™ isthe plus
error and er — minus error.

logE | <InA> | et | e~
17.5 15 0.2 0.3
18.0 1.2 03 | 03
185 1.0 03 | 04
19.0 14 03 | 04
195 1.9 03 | 04
20.0 24 02 | 04

Table 8.6: The mean logarithmic mass computed from the average value of < X ax >.
logE isalogarithm of energy in eV, < InA > is the mean logarithmic mass, er * isthe
plus error and er — minus error.
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Figure 8.7: The mean value of proton fraction determined from the average value of
< Xmax > and corresponding errors, which represent the model dependence.
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Figure 8.8: The mean logarithmic mass determined from theaveragevalue of < X pax >
and corresponding errors, which represent the model dependence.
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The results of proton fractions computed from the average values of simulated
< Xmax > arein the table (8.5). These results are plotted in fig. (8.7). Generally, the
behavior of the proton fractionsis similar asin the fig. (8.5) asit can be expected. At
the lowest energy range, the proton fraction is increasing with increasing energy. The
maximum of proton fraction is around the energy value 108> eV. Above this energy,
the proton fraction decreases. Ascanbeclearly seeninthetable(8.5), theuncertainty of
theinteraction modelsin determination of the proton fraction is between + 5 ~ 10 %.

The results of mean logarithmic mass computed from the average values of sim-
ulated < Xyax > are shown in the table (8.6). These results are plotted in fig. (8.8).
Again, the behavior of mean logarithmic massasafunction of energy issimilar asinfig.
(8.6) asit can be expected. From the lowest energies the mean logarithmic mass value
is decreasing with increasing energy (indicating that CRs are more abundant by the
lighter nuclei). The minimum of the mean logarithmic mass (the most abundant light
nuclei) is around the energy value 10185, this isin agreement with the two component
model (the maximum of the proton fraction is around the same energy). In the table
(8.6) aso the errors of the mean logarithmic mass are shown. These errors represent
the influence of the interaction models to the determination of the mean logarithmic
mass. The influence of the interaction models is between + 0.2 ~ 0.4 of the value of
InA.

The influence of the models based on the average value of chemical composition
obtained from different interaction models

In the table (8.7) the results of proton fractions determined as the average of proton
fractions from results of individual models are shown. These results are plotted in fig.
(8.9). In the table (8.8) there are the results of mean logarithmic mass computed as
average of mean logarithmic mass from different interaction models. These results are
plottedinfig. (8.10).

logE | p[%] | max[%] | min[%]
175 | 624 70.9 55.0
180 | 714 79.2 63.3
185 | 74.2 83.4 64.6
190 | 64.8 73.6 58.0
195 | 543 62.2 435
20.0 | 402 49.8 33.0

Table 8.7: The mean value of proton fraction determined as the average of proton
fractions from each interaction model. logE is logarithm of energy, p is the proton
fraction, max is the maximum value of proton fraction and min is the minimum value
of proton fraction.
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logE | <InA> | max | min
175 15 18 | 12
18.0 12 15 | 09
185 11 15 | 07
19.0 14 17 | 10
19.5 18 22 | 15
20.0 24 27 | 20

Table 8.8: The mean logarithmic mass determined as average of mean logarithmic
masses from each interaction model. logE is logarithm of energy, InA is mean loga-
rithmic mass, max is the maximum value of the mean logarithmic mass and min is the
minimum value of the mean logarithmic mass.
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Figure 8.9: The mean value of proton fraction determined as average of the proton
fractions from each interaction model and value ranges, which represent model depen-

dence.
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As can be clearly seen from the tables (8.7), (8.8) and figures (8.9), (8.10), the
influence of theinteraction modelson the proton fraction is mostly between 4 7 ~ 10%.
In the case of the mean logarithmic mass the influence of the interaction models is
between + 0.3~ 0.4.

Remarkson theresults

If we compare the results obtained by two ways (as average of < Xmax > values and
as average of the values of composition from separate models) we can make these
conclusions:

1. Both ways of computing give almost the same values of chemical composition
(proton fraction or mean logarithmic mass). The maximum difference in the
case of proton fraction is 0.8% and in the case of mean logarithmic massis the
maximum difference 0.1.

2. The influence of the interaction models to the chemical composition of CRs is
in the case of proton fraction mostly between 5 ~ 10 % and in the case of mean
logarithmic mass mostly between 0.2~ 0.4 .

3. Morefrequently theinfluence of interaction modelsisalittle bit higher inthecase,
that resulting chemical composition was determined as average of the chemical
composition from separate model s, but generally both methods give quitesimilar
results concerning the error given by the choice of the interaction models.

Finally, theseresults of chemical composition are only rough estimates. Comparing
with the last results of PAO (see the chapter 3.4 - Anisotropy beyond 60 EeV), CRs
at the highest energies would be composed mostly from lightest nuclei. But results
reported in this work show, that at the highest energiesthere is a significant fraction of
heavy elementsin CRs.

One of the possible explanations can be, that the parameters of interaction models
(cross section, muon energy spectra, multiplicity distribution, etc.) are not know pre-
cisely enough. Because there are no accelerator data at such energies, these parameters
are only extrapolated.

Hence confrontation between anisotropy studies and composition analysis such as
the one presented here may address also the question to which extent we can believe
model predictions.

7



Chapter 9

The Missing Energy

If the primary particle interacts in the Earth’s atmosphere, the shower of secondary
particles originates. The longitudinal development of the shower can be detected by
fluorescence technique and the energy of primary particle can be then reconstructed.
But some part of the primary energy (1) can not be detected, because afraction of energy
is carried away by neutrinos and due to the fact, that energy deposit of muonsis very
small. This part of primary energy is invisible to detectors and it is called missing
energy.

9.1 Thecomputation of the missing energy

One of the possible ways, how to determine the missing energy is to simulate longi-
tudinal profiles and apply Gaisser-Hillas (GH) fit (see equation 4.12) to them. The
calorimetric energy (Ecq ), which can be detected by the detectors is then given by the
integra of the energy deposit profile:

Eeu :/0 fom (X) dX,

where fgy is the GH function (see eq. 4.12) and X is the dant depth. Note that the
integral is madeto infinity in spite of the fact, that fluorescence detectors measure only
part of the profile. Theintegral toinfinity isbecausein thisway the cal orimetric energy
isin fact estimated by the fluorescence experiments.

The aboveintegral isthen given by [32]:

X'Tra;ifxo
r (@ + 1) , (9.1)

Ecal = ME /dXrax (ﬁ)

where I" denotes the gamma function.
Using the equations (4.12) and (9.1) one can obtain:

1The energy of primary particle.
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Xmax—Xp

The missing energy (Enmiss) can be then computed as:

F(@Jﬂ). (9.2)

Emiss = Eprim - Ecala (9-3)

where Eprim represents the primary particle energy.

9.2 Theresultsof computation of the missing ener gy

All simulations for mean missing energy calculation were donein CONEX simulation
code.

In the table (9.1) the set of simulationsis given. The step in logarithm of energy
was chosento 0.5. In all cases zenith angle 6 = 0° was used.

model particle | number of showers | 10g(Enin) | 109(Emex)
XS p 500 17 20
Fe 500 17 20
p 500 17 20
SYBILL Fe 500 17 20
p 500 17 20
QGSJETOL Fe 500 17 20
p 500 17 20
QGSJETII Fe 500 17 20

Table 9.1: The basic parameters of simulations in CONEX. In all cases, the zenith
angle 6 = 0° was used.

From thesimulationsin CONEX, the energy deposit (dE /dX) asafunction of slant
depth (X) can be obtained. These data can be directly used for fit by GH function (eqg.
4.12) but in our case it is better to use equation (9.2). It is due to the fact, that in this
formula E¢y is one of the parameters of the fit and it can be easily obtained from the
fitting procedure.

If the parameter Ey is obtained, the missing energy Eiss can be easily computed
from the equation (9.3).

Infig. (9.1) one of the typical fits is shown. This plot is done for simulated data
(interaction model - QGSJETII; primary particle - iron nucleus; primary energy - 10185
€V) and fit of equation (9.2).
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Figure 9.1: One of thetypical fits. Thisfit was donefor QGSIETII interaction model,
the primary energy was 1085 eV and primary particle was iron nucleus. Thefit of the
eguation (9.2) was made.
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In the following figures (9.2) - (9.5) the distribution of the missing energy for
different interaction models, primary particles and primary energiesis shown.

From these figures one can clearly see, that the distribution of missing energy
is wider in the case when primary particle was proton. That is due to shower to
shower fluctuationswhich are different for different primary particles. Iron shower can
be very roughly approximated as 56 simultaneous proton showers at correspondingly
lower energies. Hence the " averaging” of these subshowers makes the missing energy
distributions less broad compared to proton primaries.
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Figure 9.2: The distribution of missing energy in %, neXus high energy interaction
model.
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Themean missing energy for agiven high energy interaction model, primary particle
and primary energy can be easily obtained by total sum of all values of missing energy
divided by the number of simulated showers for given interaction model, particle and
energy.
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Figure 9.6: The mean missing energy as a fraction of primary energy (computed as
an average from 500 simulated showers for each interaction model) for protons and
iron nuclei as afunction of energy. The QGSIETO01, QGSIET02, SYBILL and neXus
interaction model are used.

In thefig. (9.6) the mean missing energy as a function of energy for different high
energy interaction models is plotted. One can see, that the mean missing energy is
higher in the case of iron nuclei. It can be seen also, that in both cases (i.e. the primary
particleis proton or iron nucleus) with increasing energy the fraction of mean missing
energy is decreasing.

In both cases, SYBILL givesthelowest values of mean missing energy. QGSIETO01
and neXus predict the highest values of mean missing energy. QGSJETII gives the
value of mean missing energy smaller than QGSIETO01 and neXus (exceptionisin the
case of proton primary particle at the energy 10%° eV). QGSJETII aso gives aways
higher values of mean missing energy than SY BILL interaction model.



The influence of chosen high energy interaction model on the missing energy

The influence of high energy interaction models on the mean missing energy can be
simply determined. The average value of mean missing energies was calculated from
al interaction models and maximum and minimum values represent the value range
(theinfluence of the high energy interaction models on the mean missing energy).

In the tables (9.2) and (9.3) there are the results of average value of mean missing
energy and theinfluence of interaction modelsfor iron nuclei and protons. Theseresults
areplotted in fig. (9.7).

iron nuclel
logE [eV] | < Emiss> /Eprim(%] | max[%] | min[%]
17.0 174 18.2 16.7
175 15.0 15.7 14.3
18.0 131 13.8 12.4
185 116 125 10.8
19.0 10.2 10.8 95
19.5 9.0 9.6 8.3
20.0 8.0 85 7.3

Table 9.2: The average mean missing energy for iron nuclei as a function of energy
and the influence of interaction models on the average mean missing energy. logE
is logarithm of energy, < Enjss> /Eprim iS the average mean missing energy in a
percentage fraction of the primary energy, max is maximum value of the average mean
missing energy and min is minimum value of the average mean missing energy.

protons
logE [eV] | < Emiss> /Eprim(%] | max[%] | min[%]
17.0 10.8 11.3 9.8
175 9.7 104 8.9
18.0 8.6 9.2 7.8
185 7.6 8.3 6.8
19.0 6.9 6.4 1.7
19.5 6.1 5.3 6.9
20.0 57 6.4 51

Table9.3: The average mean missing energy for protonsasafunction of energy and the
influence of interaction models on the average mean missing energy. logE islogarithm
of energy, < Emiss > /Eprim IS the average mean missing energy in a percentage of
primary energy, max is maximum value of the average mean missing energy and min
is minimum value of the average mean missing energy.
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Figure 9.7: The average mean missing energy for protons and iron nuclei and the total
average mean missing energy asafunction of energy and theinfluence of theinteraction
models (error bars).
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From thetables (9.2) and (9.3) and from thefig. (9.7) it can be clearly seen, that the
average mean missing energy reaches the higher values for iron nuclei. The average
mean missing energy for protonsissmaller. Alsoit isclear, that with increasing energy
the average mean missing energy is decreasing.

Theinfluenceof theinteraction modelsin the case of iron nuclel as primary particles
is mostly between 0.5 ~ 0.8 % and in the case that primary particles were protons, the
influence of modelsis mostly between 0.6 ~ 1.0 %. It can be said, that the influence of
the interaction modelsis almost constant with energy.

In the fig. (9.7) there is also the total average mean missing energy (plotted by
a green line) calculated as average from all values of mean missing energy for both
protons and iron nuclei. The values of the total average mean missing energy are also
inthetable (9.4).

Total < Emiss > /Eprim

logE [eV] | < Emiss > /Eprim{%]
17.0 14.1
175 12.4
18.0 10.9
185 9.6
19.0 8.6
195 7.6
20.0 6.9

Table 9.4: Thetotal average values of the mean missing energy. logE is alogarithm of
energy, < Emiss > /Eprim isthe total average mean missing energy.

If some shower is measured by fluorescence technique, it cannot be exactly deter-
mined, which primary particle caused the shower of secondary particles. If this shower
isreconstructed and the primary particle energy isto be determined, the missing energy
has to be added. Table (9.4)) thus represents an optimal choice for the correction.

The error of this total average mean missing energy is given by the influence of
the interaction models, by the distribution of the mean missing energy and aso by
the absence of the knowledge of the exact chemical composition of UHECR. Since
RMS@) of missing energy distribution (see the figures (9.2)-(9.5) was found to be on
the level of about 0.5% for iron primaries and about 1% in case of protons then it
can be concluded from fig. (9.7) that the unknown chemical composition is the most
significant contribution to error imposed to the process of energy determination from
fluorescence detectors. Here we of course suppose that the fluorescenceyield is known
precisely enough which is still not true in reality.

2Root mean square.
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Chapter 10

Summary and Conclusions

For purpose of this work SENECA and CONEX simulation codes were used together
with following high energy interaction models: QGSJET01, QGSIETII, SYBILL,
neXus and EPOS. In al cases GHEISHA 2002 was used as a low energy interaction
model. Theaim of thiswork was to determine the influence of high energy interaction
models on the estimation of the chemical composition of CRs and on the missing
energy.

SENECA simulation codetogether with high energy interaction model sSQGSJETO01,
QGSIETII, SYBILL and EPOS was used to simulate the maxima of showers (Xmax
- typical values are between 400 ~ 800 g/cm?). The influence of the high energy
interaction models on the < Xmax > value was estimated. The typical influence of
high energy interaction models is mostly between 8 ~ 12 g/cm?. From the Xmax
values the estimation of the chemical composition of CRs was done (together with the
data measured by the Pierre Auger Observatory). The two ways, how the chemical
composition can be determined were used. The fraction of protons (which represents
the lightest component of the CRs), the mean logarithmic mass and the influence of
high energy interaction model on them were calculated. The influence of the high
energy interaction model on the fraction of protonsis mostly between 5 ~ 10 % and on
the mean logarithmic massit is mostly between 0.2 ~ 0.4in < InA >.

The results of the reconstruction of chemical composition of CRs are only model
estimations supposing agiven parametrization of Pierre Auger Observatory preliminary
data. These results cannot be understood as an interpretation of the data measured by
PAO. Nevertheless, they indicate, that at the highest energiesthe abundance of heaviest
elementsisincreasing. Thisfindingisin contrast with thelast discoveries of the Pierre
Auger Observatory. They found a correlation of the UHECR with the active galactic
nuclel and this implies, that particles with such energies have to be light (due to the
galactic magnetic field, in which trajectories of heavier particles are more curved). The
disagreement of the results in this work with the last discoveries can be interpreted as
the fact, that the parameters used in the high energy interaction models (multiplicity,
Cross sections, muon energy spectra, ...) are not estimated precisely enough.

The second goal of thiswork wasto computethe missing energy. For thispart of the
work CONEX simulation code was used together with high energy interaction models
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QGSJETO01, QGSIETII, SYBILL and neXus. Theestimatesof themean missing energy
for different high energy interaction models were shown. The average mean missing
energy over the models was estimated separately for protons and iron nuclei. Thetotal
mean missing energy was then cal cul ated as average between the prediction for protons
and iron nuclei, because protons are the lightest components of CRs and iron nuclei
are the heaviest possible component of CRs. It can be supposed that the exact missing
energy will be between them. The mean fraction of missing energy is decreasing with
increasing energy. It was aso shown, that the mean missing energy was higher in
the case, when iron nucleus was the primary particle. It can be said, that the absence
of knowledge of the exact composition of the cosmic rays at the highest energies is
the most significant contribution to the total error of the determination of the missing
energy. In al computations of the missing energy it is supposed, that the fluorescence
yield is perfectly known.
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